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PLANETS IN THE SOLAR SYSTEM

Credit:  The International Astronomical Union/Martin Kornmesser



GAS-RICH PLANETS IN THE SOLAR SYSTEM

(credits: Wikiwand)

Jupiter Saturn Uranus Neptune

Mass [M⨁] 318 95 14.5 17

Radius [R⨁] 11 9.1 3.98 3.87

mass fraction of H-He    ~87 - 95% ~ 68 - 91% ~10-25% ~10-25%



EXOPLANETS: ~ 4000 CONFIRMED 

planets with sizes between Earth and Neptune are VERY common

Credits: NASA
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DIVERSITY IN COMPOSITION FOR LOW-MASS PLANETS

(Venturini & Helled, 2017, ApJ)



HOW DO PLANETS FORM?

Orion nebula. Credit: NASA, ESA, M. Robberto (STSI/ESA), the HST Orion Treasury Project Team 
and L. Ricci (ESO)

Credits: ALMAHL Tau. Credits: ALMA
TW Hydrae. Image credit: S. Andrews, Harvard-Smithsonian Center for Astrophysics / 
ALMA / ESO / NAOJ / NRAO.

But disks don’t last forever… They are 
observed to have lifetimes of a few Myr



HOW ARE PLANETS FORMED INSIDE DISKS?

Bottom-up: solids sediment and 
coagulate. When they grow large 
enough they can attract gas from the 
disk (Core accretion).

Top-down: disk formed around the star 
collapses under its own gravity. Planets form 
from the disk fragments (Disk Instability) —   
they are born gaseous.

 Credit: Lucio Mayer & T. Quinn, ChaNGa code



Protoplanetary 
disk

99% gas   1% solids

The core-accretion model

Tdisk < 107yr

gas giant 

Core formation
by solid 

accretion

Gas accretion
beyond critical

mass

(Perri & Cameron 1974, Mizuno 1978, 
Bondeheimer & Pollack 1986, Pollack et al. 1996)

Mcrit ~10 Earth masses —        
for H-He envelopes

PLANET FORMATION: CORE ACCRETION MODEL
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Fine-tuning problem: disk must disappear when the planet acquired a non-negligible 
amount of H-He, but usually at this stage the planet is already in the runaway gas phase 
(Helled & Bodenheimer, 2014; Venturini & Helled, 2017).

Planet formation: core accretion modelPLANET FORMATION: CORE ACCRETION MODEL
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PLANET FORMATION: CORE ACCRETION MODEL



⇒

⇒

Planetesimals-based model Pebbles-based model

dust

pebbles
(~ cm size)

planetesimals
(~ km size)

⇒

⇒

high efficiency low efficiency

WHAT ARE THESE SOLIDS?

(courtesy of Y. Alibert)



Planetesimals-based model Pebbles-based model

72 POLLACK ET AL.

FIG. 1. (a) Planet’s mass as a function of time for our baseline model, case J1. In this case, the planet is located at 5.2 AU, the initial surface
density of the protoplanetary disk is 10 g/cm2, and planetesimals that dissolve during their journey through the planet’s envelope are allowed to
sink to the planet’s core; other parameters are listed in Table III. The solid line represents accumulated solid mass, the dotted line accumulated
gas mass, and the dot–dashed line the planet’s total mass. The planet’s growth occurs in three fairly well-defined stages: During the first p5 3 105

years, the planet accumulates solids by rapid runaway accretion; this ‘‘phase 1’’ ends when the planet has severely depleted its feeding zone of
planetesimals. The accretion rates of gas and solids are nearly constant with ṀXY P 2–3ṀZ during most of the p7 3 106 years’ duration of phase
2. The planet’s growth accelerates toward the end of phase 2, and runaway accumulation of gas (and, to a lesser extent, solids) characterizes phase
3. The simulation is stopped when accretion becomes so rapid that our model breaks down. The endpoint is thus an artifact of our technique and
should not be interpreted as an estimate of the planet’s final mass. (b) Logarithm of the mass accretion rates of planetesimals (solid line) and gas
(dotted line) for case J1. Note that the initial accretion rate of gas is extremely slow, but that its value increases rapidly during phase 1 and early
phase 2. The small-scale structure which is particularly prominent during phase 2 is an artifact produced by our method of computation of the
added gas mass from the solar nebula. (c) Luminosity of the protoplanet as a function of time for case J1. Note the strong correlation between
luminosity and accretion rate (cf. b). (d) Surface density of planetesimals in the feeding zone as a function of time for case J1. Planetesimals become
substantially depleted within the planet’s accretion zone during the latter part of phase 1, and the local surface density of planetesimals remains
small throughout phase 2. (e) Four measures of the radius of the growing planetary embryo in case J1. The solid curve shows the radius of the
planet’s core, Rcore , assuming all accreted planetesimals settle down to this core. The dashed curve represents the effective capture radius for
planetesimals 100 km in radius, Rc . The dotted line shows the outer boundary of the gaseous envelope at the ‘‘end’’ of a timestep, Rp . The long-
and short-dashed curve represents the planet’s accretion radius, Ra .

when the protoplanet has virtually emptied its feeding zone volve interacting embryos for accretion to reach the desired
culmination point (Lissauer 1987, Lissauer and Stewartof planetesimals.

If this simulation had been done in a gas-free environ- 1993). However, it is possible to carry our simulations of
the formation of the giant planets to a reasonable endpointment, as might be appropriate for the formation of the

terrestrial planets, then the next phase would have to in- without involving interacting embryos, because of the im-

(Pollack et al. 1996) 

M. Lambrechts and A. Johansen: Forming the cores of giant planets
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Fig. 3. Core growth as function of time. The di↵erent orbital separations
(5�8�15�20 AU) resemble the compact orbital configuration expected
after disc dissipation (Tsiganis et al. 2005). The red points identify the
critical mass where a phase of rapid gas accretion is triggered necessary
for the formation of gas giants (Lambrechts et al. 2014). Core growth
comes to a halt after reaching the critical core mass. The dashed lines
represent an extrapolation ignoring this halt in accretion. The yellow
shaded area marks the dissipation of the gas disc after ⌧dis = 3 Myr.

Figure 3 illustrates how the growth of the core depends little
on the separation from the host star. The initial embryo masses
were taken to be 10�3 ME and inserted at a time ti = 105 yr.
Embryo growth depends little on these assumptions4, as can be
seen in Eq. (35). The model parameters are the metallicity Z =
0.01 and the initial gas surface density of 500 g cm�2 at 1 AU.
Planets within approximately 10 AU reach the critical core mass
and trigger rapid gas accretion (the red dot marks the pebble
isolation mass), while planets at wider orbits, which do not reach
Miso, are stranded as ice giants.

Core growth is highly sensitive to the metallicity, as can
be seen from Eq. (35). Figure 4 shows the di↵erence between
an initial dust-to-gas ratio of Z = 0.005 and Z = 0.02 (while
keeping other parameters fixed). The evolution of the core mass
is similarly sensitive to the choice of the (initial) gas surface
density. Figure 5 illustrates the growth of planetary cores for a
gas surface density half and double that of our standard choice
(�0 = 500 g cm�2), both for the cases with exponential gas dissi-
pation over time and without. We discuss the sensitivity of plan-
etary growth to the metallicity and gas surface density in more
detail in Sect. 5.4.

4. Planetary migration

We have assumed that cores grow approximately in situ.
However, while the core grows to embryo size, it is susceptible to
type I migration. Due to a torque asymmetry, the planet migrates
relative to the disc towards the star (Goldreich & Tremaine 1980;
Ward 1997). The rate of this migration can be expressed as:

dr
dt
= �c

Mc

M⇤

⌃gr2

M⇤

✓H
r

◆�2
vK. (36)

4 However, for consistency one has to verify that ti is chosen such that
the pebble production line rg has passed the orbit of the planet r, so
the seed planetesimal can form by the streaming instability and accrete
pebbles.
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Fig. 4. Core growth as function of time, for di↵erent values of the ini-
tial dust-to-gas ratio Z0. Cores are placed on the same orbits as in Fig. 3,
and similar labeling is used. Core growth is very sensitive to the initial
metallicity: a twice as high value as the canonical dust-to-gas ratio of
Z0 = 0.01 leads to the formation of exclusively gas giants, while lower-
ing the metallicity by a factor 2 leads to systems of small ice giants.
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Fig. 5. Core growth as function of time, for two values of the initial
gas surface density �0, which has been altered by a factor of two from
the standard value used here (�0 = 500 g cm�2). Cores are placed on the
same orbits as in Fig. 3, and similar labeling is used. The grey lines give
the evolution in a disc with a temporally constant gas surface density
profile, corresponding to Eq. (35).

Here, c is a parameter that depends on the radial pressure and
temperature structure of the protoplanetary disc. Kretke & Lin
(2012) give an overview of the migration rates in power-law
discs (Tanaka et al. 2002; Paardekooper et al. 2010, 2011). We
adopt c = 2.8 in the isothermal regime (Paardekooper et al.
2010), but other prescriptions would only weakly change mi-
gration rates by order unity for our simple disc model.

By combining the planetary accretion rate (Eq. (28)) and the
migration rate, we can find the relation between the planetary
mass and the migrated distance,

dMc

dr
= Ṁc

 
dr
dt

!�1

= �
c
�2G�1/12M5/4

⇤ t�1/6r�1/4M�1/3
c

= �Kr�1/4M�1/3
c . (37)

A107, page 7 of 12

(Lambrechts & 
Johansen, 2014)

➤ Too long formation timescales unless planetesimals 
are small (100 m - 1 km: Fortier et al. 2013). 

➤ Difficult to accrete planetesimals (Sho Shibata’s talk).
➤ Substantial H-He accretion onto a ~2 ME core requires 

very special conditions (Ikoma & Hori, 2012, 
Bodenheimer & Lissauer 2014).

➤ Formation of gas giants too efficient, unless:
➡ high disk viscosity (Ormel 2017). 
➡ large orbital distances + high envelope opacities 

(Venturini & Helled, 2017). 
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(Venturini & Helled, 2017, ApJ)
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CURRENT PROBLEMS WITH FORMATION MODELS:

(Venturini & Helled, 2017, ApJ)

mini-Neptunes

1. Low-mass, low-density planets 
(mini-Neptunes): how could they 
accrete substantial amounts of H-He? 
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(Venturini & Helled, 2017, ApJ)

2. Intermediate-mass, high-density  
(super-Earths): how did they avoid 
becoming gas giants? 

CURRENT PROBLEMS WITH FORMATION MODELS:

super-Earths
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(Venturini & Helled, 2017, ApJ)

Neptunes

3. Formation of Uranus and 
Neptune still requires a lot of 
fine-tuning: how to prevent 
runaway gas accretion in 
protoplanets of 15-20 ME that 
contain 10-25% of H-He?

CURRENT PROBLEMS WITH FORMATION MODELS:



CURRENT PROBLEMS WITH FORMATION MODELS
How do we explain the formation of:

1. Low-mass, low-density planets (mini-Neptunes): how could they 

accrete substantial amounts of H-He? 

2. Intermediate-mass, high-density  (super-Earths): how did they 

avoid becoming gas giants? 

3. Formation of Uranus and Neptune still requires a lot of fine-tuning: 

how to prevent runaway gas accretion in protoplanets of 15-20 ME 

that contain 10-25% of H-He?

4. Apparently dry composition of short period plantes —> formation 

models favour gas accretion beyond the iceline.



1. FORMATION OF MINI-NEPTUNES:

Venturini et al.( 2016), A&A 
Venturini & Helled (2017), ApJ

Not all solids reach the core 
=> icy planetesimals/pebbles 
sublimate and mix with the 
primordial H-He atmosphere: 
two main effects during 
planetary growth:
1) Timescale to form a 

gas giant reduced by a 
factor of at least 2.

2) Small protoplanets 
with ~20% of H-He in 
mass can be formed.

aided by envelope enrichment
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From static calculations, envelope enrichment 
is expected to play a role in reducing the 
timescale to form a gas giant: 
Stevenson (1982), P&SS; Hori & Ikoma (2011), 
MNRAS; Venturini et al. (2015), A&A



1. FORMATION OF MINI-NEPTUNES:

Venturini et al.( 2016), A&A 
Venturini & Helled (2017), ApJ

Not all solids reach the core 
=> icy planetesimals/pebbles 
sublimate and mix with the 
primordial H-He atmosphere: 
two main effects during 
planetary growth:
1) Timescale to form a 

gas giant reduced by a 
factor of at least 2.

2) Small protoplanets 
with ~20% of H-He in 
mass can be formed.

aided by envelope enrichment

From static calculations, envelope 
enrichment is expected to play a role in 
reducing the timescale to form a gas giant: 
Stevenson (1982), Hori & Ikoma (2011), 
MNRAS, Venturini et al. (2015), A&A
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1. FORMATION OF MINI-NEPTUNES:

Venturini & Helled (2017), ApJ

aided by envelope enrichment

typically envelope enrichment is required for the formation of
mini-Neptunes with pebble accretion. The results for pebble
accretion with low and high opacities are summarized in
Tables 1 and 2, respectively. Since pebbles are small objects
they are likely to enrich the envelope and to increase the
opacity, and we expect the high occurrence rates for pebble
accretion to be more appropriate.

3.2. Planetesimal Accretion

The case of planetesimal accretion is rather different. As we
discuss above, the classical in situ growth of a planet by

planetesimal accretion is characterized by three phases of
growth (Pollack et al. 1996). During phase-2, the planetary
mass increases very slowly, and the heavy element mass at the
beginning of this stage (known as the isolation mass, Miso)
strongly depends on the amount of solids in the embryo’s
vicinity. In other words, for more massive and/or metal-rich
disks, the higher Miso is. Indeed, Pollack et al. (1996) showed
that ~ SM a siso

3 3 2, with the exact relation being

= S
-

⎜ ⎟⎛
⎝

⎞
⎠( ) ( )

( )
CM Z

a
au

, 8
p

iso 0 0
3 2

23
2

Table 2
Summary of Results Comparing Planetesimal and Pebble Accretion for High Dust Opacities

run a (au) Enrichment tcross (Myr) ti (Myr) tf (Myr) fMN fNept
Restricted Extended

Pebbles 5 No 2.7 K K 0% 0% 0%
Yes 1.5 <1 1.04 1% 6% 5%

Planetesimals 5 No 650 K K 0% 0% 0%
Yes >4 K K 0% 0% 0%

Pebbles 20 No 27 11 27 0% 0% 0%
Yes 6.3 1.3 6.6 40% 79% 0%

Planetesimals 20 No 72 6.17 >10 0% 14% 0%
Yes 23 1.57 >10 66% 82% 0%

Note. Same as Table 1 but for high dust opacities (i.e., 100×Mordasini 2014).

Figure 3. Planetary growth for the same simulations shown in Figure 2. The solid black parts indicate the time during which the protoplanets have 0.1�fHHe�0.25.
The color gradient in the shaded area corresponds to the expected ages of disk dispersal with a mean disk lifetime of 3 Myr (see Section 2.1).
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Mini-Neptune formation is possible beyond the iceline in 
low-mass and /or metal-poor disks.

Pebble accretion: mini-Neptunes more easily formed with:
➤ envelope enrichment & high dust opacity
➤ low disk viscosity (alfa ~10-5 -10-4). 

Planetesimal accretion: mini-Neptunes formation is 
possible with small planetesimals. 



2. INTERMEDIATE-MASS, HIGH-DENSITY  (SUPER-EARTHS) 
Ormel et al. (2015), MNRAS 
Lambrechts & Lega (2017), A&A 
Cimerman et al. (2017), MNRAS

Recycling scenario:
Idea: flow of gas prevents the decrease of entropy of the envelope, 
and then it prevents the accretion of gas. => gas circulates around 
the planet and does not get bound
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At 0.5 AU, a 10 Mearth planet could have 
maximum 10% of mass of H-He 

2- injecting high entropy material

3D hydrodynamical simulations show that low-entropy gas within the Bondi radius 
flows back to the disk, and high-entropy gas from the disk replenishes the envelope 
=> gas is not cooled, and therefore not accreted, but recycled into the disk.

(Ormel et al. 2015)



CONSEQUENCES OF RECYCLING WHILE ACCRETING PEBBLES: 
MAXIMUM PLANETARY MASS?

(Alibert 2017, A&A)

Details still unclear due to lack of resolution of 3D simulations and 
combination of effects of envelope enrichment with gas-flow dynamics. 
Open questions:
How much gas is the planet able to retain? How does this depend on:

➤ distance to the star?
➤ core mass?

If timescale to pollute is longer 
than replenishment timescale 
=> planet will stop growing.

This seems to happen for 
a < 10 AU.

1-2 Mearth

accreted pebble

fresh gas
from the disk

polluted gas
returning to

the disk

pollution (1)

replenishment (2)



10 Fulton et al.

Fig. 8.— Top: Two-dimensional planet radius distribution as a function of orbital period using stellar parameters from the Q16 catalog.
Bottom: Two-dimensional planet radius distribution as a function of orbital period using updated planet parameters from Paper II. In
both cases the median uncertainty is plotted in the upper left. Individual planet detections are plotted as black points. The contours are
corrected for completeness using the wKDE technique.

Fulton et al. (2017), AAS  

SMALL PLANETS AT SHORT PERIODS: THE EVAPORATION VALLEY

4.4. Atmosphere Metallicity

Some studies of transmission spectroscopy have suggested
that the atmospheres of hot Neptunes (e.g., GJ1214b) are

highly enriched in metals, with [Z/H] perhaps as high as 100
(e.g., Charnay et al. 2015), while others (e.g., HAT-P-26b) are
consistent with solar metallicity (Wakeford et al. 2017). Here
we explore how atmosphere metallicity may affect our results.

Figure 6. Schematic figures showing the mass-loss timescale and resultant envelope mass fraction histograms that result from envelope evaporation. The far left panel
show the mass-loss timescale as a function of envelope mass fraction for four models—(a) through (d)—which are progressively closer to their parent star. Those
envelope mass fractions with mass-loss times <100 Myr are unstable to evaporation and shown as dashed lines, whereas envelope mass fractions with mass-loss times
>100 Myr are stable to evaporation and shown as solid lines. The six small panels schematically show what would happen to a population of planets. The top left
small panel shows the initial envelope mass fraction distribution (arbitrarily chosen to range between 10−5 and 1). The panels labeled (a) through (d) show the resultant
population due to evaporation. The bottom right panel shows the combination of models (a) through (d). The vertical dashed lines show the envelope mass fraction
which doubles the planet’s radius. We clearly see how evaporation generates a bimodal distribution in radius and envelope mass fraction.

Figure 7. Comparing the valley location for cores made up of pure iron
( 11 g cmM

3r =Å
- ), pure silicate (4 g cm 3- ), and pure water (1.3 g cm 3- ). All

parameters are otherwise identical, including the core mass distribution. The
leftward shifting of the valley with rising density is as prescribed in
Equation (29). The observed data (gray shaded histogram) exclude ice-rich
cores (blue curves) and favor compositions that are roughly terrestrial, namely
silicate–iron composite.

Figure 8. Same as Figure 7, but now focusing on silicate–iron composites with
different iron fractions ( fFe). Different theoretical distributions correspond to
models with: single value, fFe=1/2; uniform spread, f 0, 1 ;Fe Î [ ] bimodal,
fFe=0 or 1. The data exclude the last distribution, but cannot distinguish the
first two. This illustrates our inability to constrain the iron fraction to a narrow
range.
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Owen & Wu 
(2017), ApJ

Re-analysis of the Kepler data (Fulton 
et al . 2017) shows a bimodal 
distribution of sizes of short period 
exoplanets, peaked at 1.3 and 2.4 RE. 

Photoevaporation can predict the 2 peaks, 
and their values are very sensitive to the 
composition of the core —> cores seem to 
be Earth-like in composition.

➤ Formation inside the iceline?
➤ Icy envelope enrichment + 

loss of water? (Ormel’s talk, Ikoma’s talk)

(Owen & Wu 2017;  
Jin & Mordasini 2017)



SUMMARY:
New measurements of mass and radius of exoplanets are challenging our theories of planet 
formation.

Low-mass, low-density exoplanets can be explained more naturally when envelope 
enrichment is accounted for. "Sweet spots" to form mini-Neptunes: disk that allow a protoplanet 

to accrete solids at an accretion rate of ~10-6 M⊕/yr:

small planetesimals (~100 m size) and low surface density of solids.
pebbles in small-mass/low metallicity disks.

Intermediate mass, rocky exoplanets could have prevented runaway gas accretion by 
exchange of gas with the disk (recycling scenario).

The formation of Neptunes still requires a lot of fine-tuning: cores of 10-15 ME accrete gas in a 
runaway fashion, and recycling should not be effective at large semi-major axes.

Merging of mini-Neptunes? (Izidoro et al. 2015)

High opacities? (Venturini et al. 2016) + high solid accretion? (Lambrechts et al. 
2014, Yann Alibert’s talk).

Conflict between observations (rocky cores) and predictions from theory (gas-rich objects should 
have non-negligible amounts of water): how can we explain the second peak of the Kepler planets 
with in-situ formation models (inside iceline)? How did they manage to accrete substantial H-He 
(given the recycling)?



Thank you!


