
銀河の化学進化
銀河系に存在する星のスペクトルを解析することでその星の表面付近のガスにどのような
元素がどれくらい含まれているかを測ることが出来る。このようにして得られた元素組成
比は星によって様々で、多くの場合その星が生まれた当時のガスの組成を化石のように保
持していると考えられている。従って、年を取った星を調べれば銀河系の初期の様子も垣
間見ることができる。そして、年を取った星程重元素と水素の組成比が小さいことが分
かっている。このように、時間を経るとともに元素組成比が変化することを天文学では
「化学進化」と呼んでいる。最近では銀河系のみならず近傍に存在する矮小銀河に属する
星のスペクトルも大望遠鏡で取ることができ、矮小銀河の化学進化も調べられるようにな
りつつある。

銀河系ハローの化学進化
私たちは、銀河系の初期の進化を調べるた
めに、古い星が多く存在するとされている
銀河系ハローの星の元素組成の成り立ちを
調べている。ハローに存在し、重元素を少
ししか持たない星に対して測られた元素組成
と超新星の理論的なモデルから予想される元
素組成には類似性が認められた(図1; 
Shigeyama & Tsujimoto 1998)。このこ
とから、銀河系ハローの星は個々の超新星
が掃き集める星間ガスから生まれたと仮定
するモデルを構築した(Tsujimoto, 
Shigeyama, & Yoshii 1999)。このモデルは
ある重元素量の星が何個あるかと言うハロー
星のmetallicity distribution functionを良
く再現することが分かった(図2)。最後には
ほとんどのガスが過去の超新星によって掃き
集められていて、以降の超新星は掃き集める
ガスもなく膨張し続けることになり星形成は
一旦終わることになる。

r-過程元素の起源
r-過程元素というのは鉄より原子番号が大き
い元素のうち、ある原子核がβ崩壊する前に
どんどん中性子をくっつけて重くなっていく
反応で合成された元素である。例えば、Eu, 
Au, Th, U等が挙げられる。このような合成過
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Fig. 1.—Comparison of the observed correlation of [C/Mg]-[Mg/H]
(crosses: McWilliam et al. 1995) with the theoretical nucleosynthesis [C/Mg]
ratio from SNe II as a function of the predicted [Mg/H] (filled circles: Nomoto
et al. 1997; open circles: Woosley & Weaver 1995). The evolutionary change
in [C/Mg] predicted by the one-zone chemical evolution model, including the
contribution from AGB stars (van den Hoek & Groenewegen 1997), is also
shown by the dashed curve.

Fig. 2.—Ejected masses of heavy elements from SNe II as a function of
the mass of their progenitor main-sequence stars. They are derived from the
observed abundance pattern in extremely metal-poor stars combined with the
[Mg/H]- relation in the theoretical SN models.Mms

from the one-zone Galactic chemical evolution model, in which
the gas is distributed uniformly and the heavy elements are
well mixed within the zone. Here we use the updated nucle-
osynthesis calculations by Nomoto et al. (1997) for SN II yields
and the results of van den Hoek & Groenewegen (1997) for
the asymptotic giant branch (AGB) star’s yields. Details of the
basic model ingredients are presented in Yoshii, Tsujimoto, &
Kawara (1998). This obvious disagreement with the observa-
tion indicates that the mixing of elements did not take place
at that time.
The open and filled circles are the correlation of the abun-

dance ratios in SNRs at the end of expansions calculated from
two theoretical SN models (Nomoto et al. 1997; Woosley &
Weaver 1995). The coincidence of the two correlations must
result from the fact that most of the stars with [Mg/H] ! !2
were formed from individual SNRs. Therefore, the observed
correlation must be made within the first ∼ yr (cor-72# 10
responding to the lifetime of the least massive star that explodes
as an SN II) from the birth of the first-generation stars. During
this period, an SNR scarcely intersects with another SNR (Au-
douze & Silk 1995).

3. THE IMF-WEIGHTED ABUNDANCE RATIOS

The observed correlations of abundance ratios in halo stars
with higher [Fe/H] ([Mg/H]) result from the mixing of elements
in the Galactic halo. The precision of the nucleosynthesis yield
of each supernova, which is derived from the observed abun-
dance pattern of stars in the range of ! , can4 ! [Fe/H] ! !2.5
be checked by comparing their average nucleosynthesis yield
with the observed plateau (see, e.g., Gilroy et al. 1988; Gratton
1989; Magain 1989; Gratton & Sneden 1991; Nissen et al.
1994) seen in the [element/Fe] ratio for ! ,2 ! [Fe/H] ! !1
which results from a whole population of SNe II integrated
over the IMF. Using the same method that was applied to the
iron yield, we can obtain the supernova yields for a- and iron-
group elements as a function of the initial stellar mass. The
procedure is as follows:

1. For each SN, the [Mg/H] ratio is calculated from the ratio
of the mass of Mg ejected from an SN II to the mass of hy-
drogen swept up by the SNR (Shigeyama & Tsujimoto 1998),
and thus the theoretical [Mg/H]- relation is derived.Mms

2. We perform the fit of the observational data in the2x
[Mg/element]-[Mg/H] diagram.
3. We combine this curve with the theoretical [Mg/H]-
relation and obtain the [Mg/element] ratio for each .M Mms ms

4. Using the theoretical nucleosynthesis mass of Mg for each
, the ejected mass of the element as a function of isM Mms ms

derived.

The yields obtained in this way are shown for several ele-
ments in Figure 2. Here we use the theoretical supernova model
by Nomoto et al. (1997). The iron-group elements are produced
in the deepest layers of the ejecta. Therefore, a slightly different
stellar-mass dependence of the Co yield from other iron-group
elements may indicate how the explosion separates material
comprising the neutron star from that of the ejecta. We then
calculate the average nucleosynthesis yields integrated over 10
M, ! Mms ! 50 M,, assuming the Salpeter IMF, and obtain
the average [element/Fe] ratios. They are tabulated with the
observed values in Table 1. The predicted average abundance
ratios are all consistent with the observed ones, within an error
of ∼0.1 dex. This good agreement strongly supports the right-
ness of our determination of each supernova yield and suggests
that the observed correlations of stellar abundance ratios with
the metallicity are twofold: the nucleosynthesis abundance ra-
tios for , which, in each star, are imprinted by[Fe/H] ! !2.5
the nucleosynthesis of a single supernova, and the average
abundance ratios for , which result from a whole[Fe/H] 1 !2
site for production. It is noted that the present nucleosynthesis
models (Nomoto et al. 1997; Woosley & Weaver 1995) cannot
reproduce the observed plateau values for most of the elements
in Table 1 because of a problem in modeling an SN II explosion
or mass cut (Thielemann, Hashimoto, & Nomoto 1990). There
are indications from Galactic evolution models (Timmes,
Woosley, & Weaver 1995; Samland 1998) that the nucleosyn-
thesis models overestimate the Fe yields by a factor of 2. How-
ever, our results give almost the same average Fe yield as those
predicted by the nucleosynthesis models and suggest that the
heavy-element yields predicted by them should be revised, ex-
cept for a few elements such as C, Mg, and O.

4. THE r-PROCESS ELEMENT

Figure 3a shows the observed correlation of [Eu/Fe] as a
function of [Fe/H]. The filled symbols (McWilliam et al. 1995;

図1: 超新星の理論モデルから予想され
るC/Mg-Mg/H関係(○と●)と星の表面
での観測(×)。点線はone-zoneで一様に
進化するモデルの予想。
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Fig. 1.—The relation between the duration of star formation in a cloudDT
and a probability of observing Pop III stars as a fraction of their numberpIII
among all the long-lived stars that have ever formed with . Them ! 1 M,

dashed lines denote the strict lower bound of for each mass of a cloud.p MIII c

Fig. 2.—The frequency distribution of the long-lived halo field stars for
[Fe/H] ! !1 against the iron abundance, compared with the observations of
Ryan & Norris (1991). The observational data for [Fe/H] 1 !1 are not shown
because an enormous contamination by disk stars results in an overestimate
of the number of pure halo stars in this range of [Fe/H] (see Ryan & Norris
1991). The model curves have been convolved with Gaussians having j "

dex (solid line) and dex (dotted line), respectively.0.3 j " 0.15

All stars of subsequent generations are assumed to form in
SNR shells. The mass fraction of each shell that turns into stars
is assumed to be constant and is denoted by e. Heavy elements
ejected from an SN are assumed to be trapped and well-mixed
within the SNR shell. Some of these elements go into stars of
the next generation, and the rest are left in the gas that will be
mixed with the ambient medium. The above process will repeat
with increasing metallicity until SNRs can no longer sweep up
enough gas to form shells. No stars will form from SNRs after
this happens, and the process terminates.
When stars form as above, the star formation rate (SFR)

induced by Pop III SNe at time t measured from theṀ (t)∗
birth of their progenitor stars is given by Ṁ (t) "∗

, and the SFR for latereM (m , t) [f(m )/m ] Fdm /dtF x Msh t t t t III c

generations can be expressed as

mu

f(m)˙ ˙M (t) " dmeM (m, t) M [t! t(m)], (1)∗ ! sh ∗
mmax (m ,m )t SN, l

where denotes the lifetime of a star of mass m, and ist(m) mt

the stellar mass for which . The initial mass functiont(m) " t
(IMF) used here is a Salpeter one, with a slope index off(m)
!1.35. An upper mass limit of stars is assumed to be m "u

; a lower mass limit of (Tsujimoto et al.50 M m " 0.05 M, l ,

1997) is also assumed. The lower mass limit for stars that
explode as SNe is taken to be . The mass ofm " 10 MSN, l ,

the shell formed at time t from an SN with progenitorM (m, t)sh

mass m is expressed as , whereM (m, t) " M (m)#M (m, t)sh ej sw

is the mass of the SN ejecta, and the mass of the swept-M (m)ej

up gas is given by .3M (m, t) " r (t)R [E (m) , r (t)]sw g SN g

Here is the density of the interstellar gas, andr (t)g

is the maximum radius of the SNR shell.R [E(m), r (t)]SN g

is insensitive to time t because is proportionalM (m, t) Msw sw

to (see ST98). The SN explosion energy is assumed!0.06r (t)g

to be ergs, irrespective of stellar mass m. Thus,51E(m) " 10
a constant value of will be used4M (m, t) " 6.5# 10 Msw ,

below.
Utilizing the SFR introduced in equation (1), the mass

and the metallicity of the gas will change with timeM (t) Z (t)g g

according to the following formulae:

mu

dM f(m)g ˙ ˙" !M (t)# dm M (m) M [t! t(m)],∗ ! ej ∗
dt mmax (m , m )t l

(2)

mu

d(Z M ) f(m)g g " ! dm Z (m, t)eM (m, t)! ∗ sh
dt mmax (m ,m )t SN, l

mu

˙# M [t! t(m)]# dm[M (m)∗ ! ej

max (m ,m )t l

mu

f(m) ′! M (m)] dmz !
m max (m ,m )t!t(m) SN, l

′f(m )′ ′# Z [m , t! t(m)]eM [m , t! t(m)]∗ sh ′m

mu

′˙# M [t! t(m)! t(m )]# dm∗ !
max (m ,m )t l

mu

f(m) ′ ′# M (m) dm eM [m , tz ! sh
m max (m ,m )t!t(m) SN, l

′f(m ) ′˙! t(m)] M [t! t(m)! t(m )], (3)∗′m

where is the mass of all synthesized heavy elementsM (m)z

ejected from a star with mass m, and is the metallicityZ (m, t)∗
of stars born at time t from an SNR shell with progenitor mass
m, which is defined as /Z (m, t) " [M (m)# Z (t)M (m, t)]∗ z g sw

.[M (m)#M (m, t)]ej sw

Since and at , af-M (0) " x M M (0) " (1! x )M t " 0∗ III c g III c

ter specifying and and setting , equations (2)x M Z (0) " 0III c g

and (3) are then integrated. Star formation stops when the total

図2: ハロー星のmetallicity distribution 
function。モデル(実線)と観測(●)の比
較。



程は超新星爆発の際にできたての中性子星の周りで起こると考えられている。しかし、質
量がいくつの星からどれだけの質量のこれらの元素が合成放出されるのかは分かっていな
い。私たちは、上で述べた超新星が星形成を誘導する化学進化モデルでは、ハロー星の
Mg/H組成比とその星に重元素を供給した一世代前の超新星(の親星)の質量に強い相関が
あることを利用して、観測されたMg/Hとr-過程元素/Mgの組成比のパターンからr-過程元
素がどの質量の星の超新星爆発でいくら合成されるかを見積もった。ハローの星で最も良
く観測されているr-過程元素はBaなのでMg/H-Ba/Mgのパターンを用いた。その結果、
r-過程元素は太陽の20倍の質量を持った星が超新星爆発を起こすときに最もたくさん合成
され、その他の超新星ではほとんどできないという結論を得た(Tsujimoto, Shigeyama, 
& Yoshii 2000)。1987年に出現した超新星 SN 1987Aはちょうど太陽の20倍の質量を
持った星の爆発と考えられていて、Baの線がそのスペクトルに強く受かっていたことか
ら、Baが多く作られたことが示唆されていた。この超新星でのBaの合成量を観測と爆発
モデルを用いて推測してみると、ハロー星から得られた合成量と良く一致することを示す
ことができた(Tsujimoto & Shigeyama 2001)。

近傍矮小銀河の化学進化
近年、大望遠鏡によって近傍矮小銀河
に属する個々の星のスペクトルを取り、
化学組成が求められるようになってき
た。それによると、矮小銀河の星のr-過
程元素とFeの組成比のFe/Hに対する相
関は銀河系ハローのものと似ているよ
うにも見える。確かに、矮小銀河のFe/
Hを3分の1程にするとそのパターンは
ほぼ一致する。従って、矮小銀河の星も
超新星誘導星形成で誕生したと推察さ
れる。私たちのモデルによると、3倍ず
れているのは矮小銀河の元になったガ
ス雲でのガスの運動が銀河系ハロー星
の元になったガスより激しかったとす
ると説明できる。超新星で掃き集めら
れるガスの量が矮小銀河では少なくな
り次世代の星の原料になるガス中のFe/
HのHの質量が減るためである。このよ
うにして、銀河系とは少し違った環境下
で私たちの化学進化モデルを適用するこ
とによって矮小銀河で観測された
metallicity distribution functionも再現
することができた(図4: Tsujimoto & 

図3: 矮小銀河のmetallicity distribution 
function(上)とBaの組成比分布(下)。モデル
が予想する分布と観測(●)の比較。
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Fig. 1.—Correlations of [Ba/Fe] with [Fe/H] for dSph stars ( filled circles;
SCS01) and Galactic halo field stars (crosses; McWilliam 1998). Data of dSph
stars are shifted by D[Fe/H dex (see text). The K star of Ursa Minor] p !0.6
is excluded from the plots because it is recognized to be a carbon star, most
probably self-enriched by s-process material.

Fig. 2.—(a) Frequency distribution of dSph stars against the Fe abundance,
compared with the observation for Sextans (Suntzeff et al. 1993). Error bars
take into account Poisson noise. (b) Color-coded frequency distribution of
dSph stars in the [Ba/Fe]-[Fe/H] plane convolved with a Gaussian having

dex for [Ba/Fe] and dex for [Fe/H]. Filled circles show thej p 0.2 j p 0.1
data of SCS01.

1995). A larger velocity dispersion at the star formation epoch
inferred from the elemental abundance pattern suggests that the
total mass of the dSph galaxy at that time must be ∼25 times
larger than at present (see eq. [2]). The timescale Fdt/ dSphFd lnM
for stripping is expressed and evaluated as Fdt/d lnM F pdSph

–3 Gyr depending on the3 1/2!2 3R /j p [12D / (GM )] ∼ 1.5t ∗ MW

estimated mass of the Milky Way. From this timescale and the
initial mass of the dSph galaxy, the corresponding age of Galactic
dSph galaxies is estimated to range from 5 to 10 Gyr.
From an elemental abundance pattern that has been converted

to information on the velocity dispersion of gas, we have esti-
mated the initial dynamical (total) mass of dSph galaxies. In the
same manner, i.e., from the chemical properties imprinted on
stars, we deduce the baryonic mass initially residing in dSph
galaxies. From the conservation of Fe, we have the relation

, where is the mass of stars, is theZ M " Z M p yM M Zs s g g s s s

mean metallicity of stars, is the mass (metallicity) of theM (Z )g g

gas at the end of star formation, and is the Fe yield (see Tinsleyy
1980). If we define as the mass fraction of the initial gas thates
has been converted to stars in the end, then can be expressedes
as . From the ADF for Sextans observede p Z /(y" Z ! Z )s g g s

by Suntzeff et al. (1993; see Fig. 2), we have [Fe/H] p !2.0
for and [Fe/H (corresponding to the metallicity ofZ ] p !1.6s

the most metal-rich star) for . Adopting forZ y p 0.38 Zg Fe,,

the Fe yield from SNe II (Tsujimoto et al. 1997), we deduce
. Our numerical calculation presented in the next sectione ∼ 0.05s

confirms this value. Thus, the initial gas (baryonic) mass was
20 times larger than the present stellar mass. Interestingly, the
ratio of initial to present baryonic mass is close to that for dark
matter. In other words, the baryonic fraction in a dSph galaxyfb
is quite similar at these two phases.
We try to make a rough estimate of for Draco. Taking LV pfb

(Irwin & Hatzdimitriou 1995) and the mass-to-51.8# 10 LV,,

light ratio for old stellar populations (van der MarelM /L ∼ 8∗
1991), we obtain the present baryonic mass ∼ . If61.4# 10 M,

we adopt the present dynamical mass of (Oden-72.2# 10 M,

kirchen et al. 2001), we obtain . Our scenario predictsf ∼ 0.06b

that was also ∼0.06 at the initial formation phase.fb
In our inhomogeneous chemical evolution model, the star

formation is terminated when too many SNe explode to sweep

a sufficient amount of the ISM. The number of these SNe is
found to be a few hundred from our model. These last few
hundred SN explosions were able to disperse the remaining
gas over the potential well made by dark matter (see discussion
in § 4).

3. INHOMOGENEOUS CHEMICAL EVOLUTION

In this section we discuss Ba and Fe in dSph galaxies in
terms of the inhomogeneous chemical evolution model pre-
sented in Tsujimoto et al. (1999). The model is based on a
scenario where the chemical evolution proceeds through a rep-
etition of a sequence of SN explosion, shell formation, and star
formation in the matter individual SNRs sweep up. As dis-
cussed in the previous section, the velocity dispersion of gas
is assumed to be a constant value of 26 km s!1 because the
timescale of tidal interaction is ∼10 times longer than that of
star formation. The free parameters in our model are the mass
fraction of metal-free stars initially formed and the massx III
fraction e of stars formed in the dense shells swept up by each
SNR. We simply take inferred from the Ba!4x p 2.5# 10III

abundances of extremely metal-poor stars in the Milky Way
(Tsujimoto et al. 2000) because the results are rather insensitive
to this value. Stars are assumed to be formed following the
Salpeter initial mass function.
The value of e is determined in order to reproduce the observed



Shigeyama 2002)。また、矮小銀河が銀河系からの潮汐力を受けて質量を失う様子を考
慮することで、初期には現在の10倍程の質量を持っていたと推察される。

球状星団の形成
球状星団の形成過程はわかっていない。10年以上前に、ガス雲同士の衝突によって圧縮
されたガスから一気に星が形成されて球状星団になるという説が提唱された。この説が面
白いと思うのは、ガス雲の衝突の際にガス雲に既に存在していた星はすり抜けて球状星団
には残らない点だ。一つの球状星団中の個々の星のFe/Hは驚く程に一致している。これ
はこれらの星が同じ成分のガスから誕生したことを示唆し、時間とともにガス中のFeは
増えていくことを考えれば、ほぼ同時刻に誕生したことになる。以前にガス雲中で誕生し
た星はいなくなってほしいのだ。さらに、星と同じく無衝突粒子と考えられる暗黒物質も
衝突の際にすり抜けていなくなってしまうので球状星団で観測される低い質量光度費を説
明するのに有利だ。このシナリオをもとに私たちは球状星団形成を調べようとしている
(Shigeyama & Tsujimoto 2004)。


